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Takeaways
• Core-collapse supernova models in 3D with sophisticated nRHD explode consistently, 

reasonably, and in various ways. The next frontier is establishing a quantitative 
understanding of all multi-messenger observables over much longer timescales. 

• Our current understanding of neutrino emission (and, maybe, nucleosynthesis) over the 
first few seconds of CCSNe explosions is qualitatively OK if you ignore some known 
physics (e.g., collective flavor oscillations). 
– Prediction is, of course, dependent on understanding this physics, but will also require an in situ 

treatment in RHD simulations. 

• But, the details of this emission is tightly coupled to explosion dynamics, 
depending strongly on progenitor structure in a variety of ways.

• Aside from neutrino flavor oscillation physics-–a frontier that will require considerably 
more computational intensity than we have brought to bear to this point—there are 
other pieces of physics that require more-or-less immediate attention
– Including heavy lepton degrees of freedom “everywhere” (every-how) in simulations
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We are at the beginning of an era where confronting 
observables via simulation can be/must be quantitative
• The efficacy of the neutrino shock 

reheating/delayed shock 
mechanism has now been 
demonstrated by all leading 
groups across progenitor 
characteristics (mass, rotation, 
and metallicity). Nonetheless, 
significant challenges remain. For 
recent reviews, see:

• Janka, Melson, and Summa,                           
Ann. Rev. Nucl. Part. Sci. 66 341 (2016)

• Mueller, Liv. Rev. Comp. Astr. 6:3 (2020)
• Mezzacappa, Endeve, Messer, and Bruenn,   

Liv. Rev. Comp. Astr. 6:4 (2020)
• Burrows and Vartanyan, Nature 589, 29 (2021)
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Finishing the explosion
We must continue to run with full physics until the explosion is fully developed, until the 
explosion energy approaches its asymptotic value.

We approximate the asymptotic kinetic energy of the explosion with a “diagnostic” 
energy, E+ = Ethermal + Egrav + Ekinetic, summed over zones where E+ > 0.

Outer boundary ⇒ 105 km

See Li+ (2023) – arxiv 2306.08024!!
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Not only to we need the explosion to be fully developed, we need the nucleosynthesis to 
be completed, at least for the major species of interest.

44Ti ≲ 10−3 M☉

56Ni ≲ 0.1 M☉

64Ge ≲ 10−3 M☉
28Si ⇘

Finishing the nucleosynthesis



Nearly 30 years ago, we concluded that the mechanism imprints strong asymmetries on the 
inner ejecta, and to a lesser extent on the shock.
Since the 
90s, it has 
been argued 
that these 
early 
asymmetries 
are 
necessary to 
match 
observations 
of heavy 
element 
velocity 
distributions, 
etc.

Asymmetries from the Mechanism
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• When discussing asymmetries, as with all other aspects of 
CCSN, it is important to remember that the collapse of the 
core is just the final act of a massive star’s life.

• Asymmetry late in the evolution, primarily on the silicon and 
oxygen layers that are reaching the shock as the explosion 
powers up, can accelerate the development of asymmetry 
in shocked material.

• Even larger effects are 
possible, if, for 
example, convection 
affects the growth of 
the iron core.

Progenitor asymmetries

C. Sandoval+(in prep)
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D9.6-sn160-3D

• 9.6 M⊙ zero-metallicity 
progenitor from Heger 
(p.c.)

• Same progenitor as 
Melson+(2015) and 
Stockinger+(2020)

• Very light envelope alters 
the explosion mechanism

• Shock doesn’t stall for long, 
like ECSN, neutron-rich 
material from just above 
the PNS is entrained in the 
ejecta

• Explosion is quite spherical



1010 B. Messer - Astrophysical neutrinos and the origin of the elements, INT – July, 2023

ECSN mimicry
• With the rapid development of the 

explosion of this relatively low mass iron-
cored star, the explosion of the D9.6 model 
shares many features with ECSN models.
– Explosion Energy ∼ .2 B
– 56Ni ejected ∼ 3 × 10−3 M☉

      with large amounts of neutron-rich ejecta  
          (cf. Hiramatsu+ 2021)

• Remnant neutron star masses are also 
small, with a baryonic mass of ∼ 1.3 M☉ 
and an ultimate gravitational mass of ∼ 
1.2 M☉.

• Given the uncertainties in modeling SAGB 
and massive stars and the uncertainties in 
supernova models, it is hard to distinguish 
ECSN and low mass CCSN.
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Silicon Flash during Collapse 
• Stellar evolution 

models (e.g. Woosley 
& Heger 2015) for 9-11 
M☉ exhibit flashes 
starting in the silicon 
layer.

• Here, compressional 
heating during 
collapse leads to 
accelerated burning in 
the neon and silicon 
burning shells. 

• This flash propagates 
to several thousand km 
before it is caught by 
the supernova shock.

Lentz+ (2023)
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Decelerating shocks & developing instabilities
Progress of the shock is generally impeded by the envelope 
with a ∝ ρr3.  Density jumps at shell interfaces also launch 
reverse shocks and instabilities.

Kifonidis et al. 2003
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But, the initial morphology at mapping matters as well
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Bullets getting ahead
• While the shock 

responds to ρr3, in 
the D9.6-3D3D (and 
the D9.6-2D3DTilted) 
(3D)   R-T fingers 
catch up to the 
shock and push it 
outward.

• This does not occur 
in our D9.6-2D3D run 
(or the z9.6 model 
from Stockinger+ 
(2020)), which 
prevents the mixing 
of metals into the 
outer parts of the 
star. 



3D view of nickel at mapping, in He shell, and at surface.

D9.6-3D3D: Mushroom view

Sandoval et al. (2021) ApJ, 921 113 
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D9.6-3D3D: Heavy element distribution



Bullet Anatomy: 56Ni and 60Ni

104 km 108 km

0.466 s 62,000 s
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Multi-flavor detection

C15-2D, angle-
averaged, 
SNOwGLoBES 
Ar17kt, 10 kpc

M.S. thesis – T. Devotie (2015, UTK)
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A tale of two “identical” progenitors

2D CORE-COLLAPSE SIMULATIONS OF TWO 15.8-M� STARS 3
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Figure 2. Carbon-core convective histories of (a) 15.78 M� and
(b) 15.79 M� pre-supernova models.

up to 300 species as needed into the evolution of the stellar
structure equations instead of the 19-species network supple-
mented by the quasi-equilibrium network for silicon burn-
ing for the ‘small network’ runs as detailed in Section 2.2
of Sukhbold et al. (2018), but are otherwise identical in nu-
merical configuration. The two models from which we will
compute supernovae are on different branches despite differ-
ing in initial mass by only 0.01 M�. The upper branch at
MHe = 4.5 M� contains the 15.79 M� model near its up-
per mass limit with M4 = 1.78 M� and the lower branch
contains the 15.78 M� model with M4 = 1.47 M�.

Figure 2 shows the convective histories (Kippenhahn dia-
grams) of the two models, where hatched areas indicate con-
vective regions, red color indicates heating by nuclear burn-
ing and blue color cooling by neutrino emission. About 1000
years before collapse, both models ignite convective core C-
burning followed by three C-burning shells moving outward
in mass. While the third C-burning shell is active, Ne burn-
ing takes place in the core and the end of the shell burning

Figure 3. Mass fraction profiles of the two progenitors. The thick
tickmarks at 1.47 M� and 1.78 M� indicate M4 for the 15.78 M�

and the 15.79 M� model respectively. The composition of the Fe-
core in nuclear statistical equilibrium (NSE) is not shown.

episode is coincident with the start of core Oxygen burning
at about one year before collapse. Both models, and the two
M4 branches to which they belong, are characterized by the
suppression of core oxygen burning until the third carbon-
burning shell is complete due to the ignition of that shell
within the degenerate effective Chandrasekhar mass. This
is unlike the branch for MHe < 3.7 M� (see Figure 1),
where the C-burning shell ignition occurs outside the Chan-
drasekhar mass and does not suppress core oxygen burning.
After core O burning, the evolution of the two models we
consider here diverges. In the 15.78 M� model, a fourth
convective C-burning shell ignites about 0.1 years before col-
lapse, encompassing the region between 2 M� and 3 M� at
the same time as the first O-shell ignites. This leads to a flat
12C profile in this region (see Figure 3). This C-shell burn-
ing episode slows the contraction of the core and suppresses
the 2nd O-burning shell and leads to an initial Si-core that
is smaller than in the 15.79 M� model, in which the fourth
C-burning shell only ignites about 8 hours before collapse
and leaves behind gradients in the 12C mass fraction profile.
In both models, the final O-shell burning episode before col-
lapse then takes place on top of this Si-core. The difference
in the Si-core sizes at the time of Si-core burning is also high-
lighted in Figure 13 of Sukhbold et al. (2018) and it is closely
connected to the entropy jump that defines the value of M4.
The suppressed second oxygen-burning shell thus gives rise
to the lower branch in Figure 1 where the 15.78 M� model is
located. At the time of collapse, in the 15.78 M� model, oxy-
gen is not completely exhausted in the region already domi-
nated by Si, and as consequence M4 is located at 1.47 M�,
inside the final Si-core (see Figure 3) which is very extended,
reaching out to 8,000 km. In the 15.79 M� model, on the
other hand, M4 is at 1.78 M�, about 3,000 km from the cen-
ter and still aligned with the edge of the Si-core at the time of
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In both models, the final O-shell burning episode before col-
lapse then takes place on top of this Si-core. The difference
in the Si-core sizes at the time of Si-core burning is also high-
lighted in Figure 13 of Sukhbold et al. (2018) and it is closely
connected to the entropy jump that defines the value of M4.
The suppressed second oxygen-burning shell thus gives rise
to the lower branch in Figure 1 where the 15.78 M� model is
located. At the time of collapse, in the 15.78 M� model, oxy-
gen is not completely exhausted in the region already domi-
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reaching out to 8,000 km. In the 15.79 M� model, on the
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Bruenn et al. (2023) ApJ 947 35
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Figure 10. Specific entropy of F15.78 and F15.79 at post-bounce times of 0.1, 0.3, and 1.0 s post-bounce. The radial scales are the same for
both models and are 0 to 200 km for the 0.1 s plot, 0–2500 km for the 0.3 s plot, and 0–15,000 km for the 1.0 s plot.

heating rates. The matter throughout much of the gain re-
gion consists of free neutrons and protons, so the sum of
the nucleon mass fractions, Xn and Xp in Equation (3) is
unity. The partitioning of the nucleons between Xn and Xp

depends on the the value of the electron fraction, Ye at the
gain radius (Figure 11(b)), which is about 10% larger for for
F15.79 from 0.5 to 0.9 s and otherwise nearly the same in
both models. The factors multiplying Xn and Xp in Equa-
tion (3) differ by as much as 16%, due mainly to the lumi-
nosity and rms energy differences (Figures 6(a) and 9), but
when multiplied by a maximum 10% difference in the mass
fractions, the net contribution to the heating rate differences
is rather minor. The flux factors depend, to first order, on
the ratio of the neutrinosphere radii to the gain layer radii,
and these are approximately the same as a function of post-
bounce time for the two models.

The primary cause for the heating rate differences is the
differences in the ⌫e and ⌫̄e luminosities and rms energies of
the two models, shown in Figures 6(a) and 9. The neutrino
quantities for F15.79 exceed those for F15.78 from ⇡0.2 s to

⇡0.8 s, and again from ⇡1.6 s to ⇡2.3 s reflecting approx-
imately the same difference pattern in the neutrino heating
rates shown in Figure 11(a). The ⌫e and ⌫̄e luminosity and
rms energy differences collectively account for about a factor
of 2 difference in the heating rates in the first 0.6 s.

The other primary contribution to the heating rate differ-
ences between the two models is the difference in their gain
region masses (Figure 11(c)), defined here as the mass lying
between the gain layer and the surface enclosing 90% of the
heating rate (Figure 12). Like the ⌫e and ⌫̄e luminosities and
rms energies, the mass of the gain region for F15.79 exceeds
that of F15.78 by as much as a factor of 2 until about 0.9 s.
This can be traced to the larger densities in the matter sur-
rounding the inner core of the 15.79 M� pre-SN progenitor
and its consequently larger accretion rates during the 0.2–
0.9 s time period, as will be discussed in Section 5.4 with
our discussion of the accretion luminosity. After 1.1 s, and
particularly after 1.5 s, the gain region mass of F15.78 under-
goes a surge and tends to exceed that of F15.79 for ⇡0.6 s,
while that of F15.79 undergoes a surge after 1.65 s and tends

2D CORE-COLLAPSE SIMULATIONS OF TWO 15.8-M� STARS 7

these two progenitors, resulting in differences in the explo-
sions generated. From this point, effects of the progenitor
structure are combined with the building explosions to con-
trol the further development of the explosions.

Recent work has investigated the effect of progenitor as-
phericities due to pre-collapse convection in oxygen and sil-
icon burning shells on the post-collapse evolution of CCSNe
(Couch & Ott 2013, 2015; Müller & Janka 2015; Abdika-
malov et al. 2016; Müller 2016; Müller et al. 2017; Vartanyan
et al. 2018). While the exact mechanism still needs to be
elaborated, this work indicates that vigorous large-scale con-
vection in pre-collapse progenitors will shorten the time to
shock revival for successful models and increase the possibil-
ity of shock revival for those models which would otherwise
not explode. It is doubtful that incorporating convection in
the oxygen or silicon burning shells in the F15.78 progenitor
would have much effect on its shock revival time, as a ro-
bust shock revival already ensues shortly after bounce when
the density decrement at the Si/Si-O interface encounters the
shock. For F15.79, shock revival occurs while the shock
is still within the extensive Si shell, so vigorous convective
burning in this shell might reduce the time for shock revival.

5. EXPLOSION DYNAMICS
In this section we will give an overview of the evolutionary

differences between the two models followed in subsequent
sections by a detailed look at the origin of these differences,
tracing them back to differences in the internal structures of
their progenitors.

5.1. Overview
Following shock revival, the dynamic evolution of the two

models is considerably different, as exemplified by the dif-
ference in shock trajectories (Figure 7(a)) and in the explo-
sion energy histories (Figure 7(b)). The shock grows faster in
F15.79 after the explosion in that model is finally launched,
catching up with the (mean) shock radius of F15.78 about
0.5 s after bounce. The “diagnostic energy” is the sum of
the total energies (gravitational, internal, and kinetic) of all
zones for which this energy is positive (Buras et al. 2006;
Müller et al. 2012; Bruenn et al. 2013). The net explosion en-
ergy is the diagnostic energy plus the binding energy of the
on- and off-grid material ahead of the shock (Bruenn et al.
2013). (See Bruenn et al. 2016, Appendix A for the details
of the energies used). While growth rates for the diagnostic
energy are similar up to 0.3 s after bounce, the growth rate
in F15.79 then accelerates while the growth rate in F15.78
declines. Both measures of the explosion energy therefore
become much larger in F15.79, with the diagnostic energy
more than 3⇥ larger at 1 s after bounce and ⇡2.5⇥ by the
end of the simulations. By the end, an even greater difference
(⇡7⇥) develops in their net energies. In neither model has
the net energy leveled off by the end of the simulations, but
if they do not change significantly during further evolution
(see Müller 2015, however) F15.79 is within the observed
range of explosion energies for MMS ⇠ 16M� (Martinez
et al. 2022) while F15.78 falls below the observed range.
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Figure 7. Comparison of the (a) mean, minimum, and maximum
radii of the shocks of both models, and (b) the diagnostic and net
explosion energies, as a functions of post-bounce time.

The proto-NS radii (Figure 8(a)) of the two models are
strikingly similar, while the baryonic masses (Figure 8(b))
are substantially different. (Following common practice, we
use the region with density > 1011 g cm�3 to define the
proto-NS.) The baryonic masses are still slowly increasing at
the end of the simulations, at this time having attained values
of 1.59 and 1.82 M� for F15.78 and F15.79, respectively,
which correspond to cold-NS gravitational masses of 1.46
and 1.62 M� using the approximation formula of Timmes
et al. (1996). These masses are in the range of the observed
distribution of slowly rotating pulsars (Schwab et al. 2010;
Özel et al. 2012; Özel & Freire 2016). While less closely
constrained than the masses of binary neutron stars, slowly
rotating pulsars seem a more likely outcome for single, non-
rotating progenitor stars.

The neutrino luminosities and rms energies for the duration
of the simulation are shown in Figure 9 for the two models.
There are clearly substantial differences between these quan-
tities for the two models in the time period from 0.2 to 0.8 s
and again from 1.6 to 2.3 s, with these quantities being larger
for F15.79. These differences are important to the strength of
the explosion, as they partially account for heating rate and
heating efficiency differences between the two models that
will be explored in detail below.

Bruenn et al. (2023) ApJ 947 35 

Later start to explosion, but more massive progenitor has higher explosion 
energy and more rapid early shock propagation 
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Early RMS energies and luminosities
2D CORE-COLLAPSE SIMULATIONS OF TWO 15.8-M� STARS 5
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Figure 5. As a function of post-bounce time, (a) the mean, min-
imum, and maximum shock positions as a function of post-bounce
time; (b) the advection and heating timescales; (c) mass accretion
rate at the shock location. The red and blue lines correspond respec-
tively to F15.78 and F15.79.

4. ONSET OF EXPLOSION
The shock trajectories of both models, Figure 5(a), are

quite similar from bounce through shock stagnation at a ra-
dius of ⇠160 km, reflecting the similar structure of their
iron cores. Following stagnation, the shock location is set
by the quasi-steady state balance between the accretion ram
pressure at the shock and the total pressure, thermodynamic
and turbulent, of the immediate post-shock material. In the
neutrino driven mechanism for CCSNe, the post-shock pres-
sure is generated by the deposition of energy into the heating
region by neutrinos. The revival of the stationary (stalled)
shock will occur when the total post-shock pressure (ther-
mal and turbulent) begins to exceed the pre-shock accretion
ram pressure to the point where a stationary solution for
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Figure 6. As a function of post-bounce time, (a) ⌫e and ⌫̄e lu-
minosities and rms energies at the gain radius; (b) neutrino heating
efficiency

the shock radius no longer exists (Burrows & Goshy 1993;
Janka & Müller 1996; Janka 2001, 2012; Summa et al. 2016).
The different epochs and modes of shock revival for the two
models are a consequence of the different density structures
of their progenitors, shown in Figure 4. For F15.78 (with
the smaller compactness parameters), shock revival occurs
at 120 ms (unless otherwise specified all times refer to post-
bounce times) when the density decrement at the Si-Si/O in-
terface at 1.47 M� is advected through the shock, resulting
in a sudden drop in the mass accretion rate at the shock front
(Figure 5(c)). The sudden decline in the ram pressure ahead
of the shock along with the still significant mass accretion
luminosity from the surface of the proto-NS is the trigger for
shock revival in this model. Lacking a density decrement,
there is no corresponding sudden decrease in the accretion
ram to trigger shock revival in F15.79. In this model, shock
revival occurs about 100 ms later than in F15.78, following
a period during which the continuing core and accretion lu-
minosities, coupled with a gradual hardening of the ⌫e and
⌫̄e spectra (Figure 6(a)), continue to pump energy into the
post-shock region. Eventually an accretion/luminosity criti-
cal condition is satisfied (as formulated for 1D by Burrows
& Goshy (1993) and extended to multi-D by Müller & Janka
(2015); Summa et al. (2016)) and shock revival ensues.
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Figure 5. As a function of post-bounce time, (a) the mean, min-
imum, and maximum shock positions as a function of post-bounce
time; (b) the advection and heating timescales; (c) mass accretion
rate at the shock location. The red and blue lines correspond respec-
tively to F15.78 and F15.79.

4. ONSET OF EXPLOSION
The shock trajectories of both models, Figure 5(a), are

quite similar from bounce through shock stagnation at a ra-
dius of ⇠160 km, reflecting the similar structure of their
iron cores. Following stagnation, the shock location is set
by the quasi-steady state balance between the accretion ram
pressure at the shock and the total pressure, thermodynamic
and turbulent, of the immediate post-shock material. In the
neutrino driven mechanism for CCSNe, the post-shock pres-
sure is generated by the deposition of energy into the heating
region by neutrinos. The revival of the stationary (stalled)
shock will occur when the total post-shock pressure (ther-
mal and turbulent) begins to exceed the pre-shock accretion
ram pressure to the point where a stationary solution for
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Figure 6. As a function of post-bounce time, (a) ⌫e and ⌫̄e lu-
minosities and rms energies at the gain radius; (b) neutrino heating
efficiency

the shock radius no longer exists (Burrows & Goshy 1993;
Janka & Müller 1996; Janka 2001, 2012; Summa et al. 2016).
The different epochs and modes of shock revival for the two
models are a consequence of the different density structures
of their progenitors, shown in Figure 4. For F15.78 (with
the smaller compactness parameters), shock revival occurs
at 120 ms (unless otherwise specified all times refer to post-
bounce times) when the density decrement at the Si-Si/O in-
terface at 1.47 M� is advected through the shock, resulting
in a sudden drop in the mass accretion rate at the shock front
(Figure 5(c)). The sudden decline in the ram pressure ahead
of the shock along with the still significant mass accretion
luminosity from the surface of the proto-NS is the trigger for
shock revival in this model. Lacking a density decrement,
there is no corresponding sudden decrease in the accretion
ram to trigger shock revival in F15.79. In this model, shock
revival occurs about 100 ms later than in F15.78, following
a period during which the continuing core and accretion lu-
minosities, coupled with a gradual hardening of the ⌫e and
⌫̄e spectra (Figure 6(a)), continue to pump energy into the
post-shock region. Eventually an accretion/luminosity criti-
cal condition is satisfied (as formulated for 1D by Burrows
& Goshy (1993) and extended to multi-D by Müller & Janka
(2015); Summa et al. (2016)) and shock revival ensues.

• After explosion 
starts for F15.78 
@ about 150ms
– ~10% 

differences in 
<E>

– ~40% 
differences in L

Bruenn+ (2023)
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Later energies and luminosities @ gain radius

• Later, at 
~1.6s to 2.5s
– ~10% 

differences 
in <E>

– ~40% 
differences 
in L
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Figure 8. Comparison of the (a) proto-neutron radii, and (b) proto-
neutron star masses of the two models as a function of post-bounce
time.

Figure 10 displays the morphological evolution of the two
models by means of 2D entropy plots. At 0.1 s, both models
exhibit neutrino driven convection, more highly developed in
F15.78. By 0.3 s, both models have evolved into a highly
prolate configuration with F15.78 having expanded farther
at this time. At 1 s, both models have expanded much far-
ther with F15.79 having overtaken F15.78. F15.78 has be-
come almost unipolar at this time, the transition from bipolar
to unipolar occurring roughly between 0.4 and 0.6 s, while
F15.79 remains clearly bipolar.

Considering the diagnostic energies of the two models
(Figure 7(b)) again, it is clear that the major differences be-
tween the two models gets established during the first 0.6 s.
Our primary focus in Sections 5.2–5.7 will therefore be to
examine the origin of these evolutionary differences between
the two models during this period of time, relating them to
differences in the progenitors. In Section 5.8, we will take a
look at the causes for the later jumps in the diagnostic energy
at ⇡1.2 s and ⇡1.55 s in F15.78 and at ⇡1.65 s in F15.79.

5.2. Heating Rates
To understand how two non-rotating progenitors with al-

most equal masses have such dissimilar explosion energy his-
tories during the first 0.6 s, we begin with the basic driver of
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Figure 9. The ⌫e and ⌫̄e luminosites and RMS energies at the gain
layer.

the explosion, the neutrino heating rate Q̇+. Neutrino heat-
ing can be expressed as an integral over the volume specific
heating rate q̇+, whose dominant contribution is given by

q̇+ =

⇢
Xn

�a
0

L⌫e

4⇡r2

hE2

⌫e
i

hF⌫ei
+

Xp

�̄a
0

L⌫̄e

4⇡r2

hE2

⌫̄e
i

hF⌫̄ei

�
⇢

mB

(3)

where Xn/p are the neutron and proton mass fractions,
L⌫e/⌫̄e

and E⌫e/⌫̄e
are the ⌫e and ⌫̄e luminosities and ener-

gies, respectively, hE2

⌫e/⌫̄e
i ⌘ hE3

⌫e/⌫̄e
i/hE⌫e/⌫̄e

i, F⌫e/⌫̄e

the ⌫e and ⌫̄e inverse flux factors (inverse ratios of the first
to the zeroth angular moments of the neutrino distribution),
mB is the mean baryon mass, and �a

0
, �̄a

0
are weak interac-

tion constants related to the absorption mean free path. The
quantities in angle brackets are spectral energy averages.

The total net neutrino heating rates for the two models are
shown in Figure 11(a). The rates for the two models are prac-
tically the same and essentially zero for the first 50 ms post-
bounce, after which they are within 15–20% of each other
until 120 ms post-bounce. At this point, the hearing rates for
both models undergo a ⇠ 0.5 s duration peak with the heat-
ing rates for F15.79 exceeding those of F15.78 by a factor of
2–3 until ⇡0.6 s post bounce. These heating rate peaks are
coincident with the major rises in the diagnostic energies of
the models (Figure 7(b)). Both heating rates are relatively
small beyond ⇡0.6 s post bounce except for a brief rise in
the rate for F15.78 at ⇡1.2–1.3 s and a rise in the F15.79 rate
from ⇡1.65–2.3 s that will be discussed in Section 5.8.

To examine the origin of the differences in the heating rates
between the two models, we compare each of the factors that
determine these rates as given by Equation (3), namely, the
radius r, the neutrino luminosities and rms energies, the neu-
tron and proton mass fractions, the flux factors, and the gain
region masses.

The compositional mass fraction and neutrino flux factor
differences do not contribute much to the differences in the

Bruenn+ (2023)
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The inclusion of bremsstrahlung has little dynamic impact
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Impact of bremsstrahlung on heavy-lepton-flavor 
neutrino spectra

n-spheres

e++e-  

brems

Significantly softer 
neutrino spectra 
formed in and 
around the 
neutrinospheres.

Betranhandy & O’Connor
Phys. Rev. D 102, 123015 (2020)
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Muons and the total neutrino flux budget

• Inclusion of muons in RHD 
simulation codes is a 
comprehensive change

• Requires changes to 
– EOS
– RHS of transport equation 
– Transport solver preconditioners

• Changes flux after ~200ms
• Changes total flux à new axion 

bounds
 

1.3 Possible e↵ects of muons in core-collapse supernovae
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Figure 1.1: Typical conditions inside a protoneutron star 400 ms after bounce using the SFHo
equation of state (Ref. [123]). The data is displayed as a function of the enclosed mass coordinate.
An additional x-axis on top displays radius coordinates corresponding to the enclosed mass. The
mean neutrino energy is given in terms of a Boltzmann gas in local thermodynamic equilibrium
(LTE), being hEimin

⌫ = 3T , which sets the lower bound of the mean particle energy of a fermionic
gas at arbitrary degeneracy.

of the PNS and is on the order of several seconds, but may vary depending on the accretion
history of the PNS.

The evolution of the neutrino component is a crucial ingredient to the muonization of PNSs
and is sensitively coupled to the evolution of density, temperature and lepton fractions of the
PNS. The assumption of true beta-equilibrium is only rarely fulfilled and may only become
applicable when the fate of the supernova has already long been decided. Investigating the
implications of a muonic component in the EOS, from neutrino-rich conditions at birth of the
PNS to full beta-equilibrium in the cold NS, therefore adds another degree of freedom that
requires careful implementation into the neutrino sector. In this thesis, we have implemented
the first fully self-consistent first-principles description of muons at arbitrary chemical potential
as well as a fully consistent treatment of all six neutrino flavors with full coupling to electrons
and muons.

1.3 Possible e↵ects of muons in core-collapse supernovae

The common expectation among most researchers in the core-collapse supernova field was that,
while muons may be present in cold neutron stars and slightly a↵ect their cooling evolution
(see e.g., Refs. [124, 2, 4]), they would be dynamically irrelevant in the first few seconds of
a supernova or during black hole formation. This assumption was, however, formed at a
time when the favored equations of state where still overly incompressible compared to recent
developments. Current experimental bounds on the compressibility of nuclear matter favor
relatively compact and dense neutron stars that may develop a high temperature already
early after PNS formation, as shown in Fig. 1.1. The mean thermal energy of neutrinos can
become larger than the muon rest mass after 100–200 ms, depending on the compactness¨ of
the progenitor (cf. Ref. [100]). The combined conditions of high neutrino energy and high

¨A high compactness at bounce implies large accretion rates.

6

Bollig (2018)
400ms PB

Bollig+ (2020)
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Modest dynamic differences, but at interesting times and 
places

• 1-2km differences 
in PNS radius at 
~1s PB

• ~10% differences 
in <E> and L at 
late times, 
hardening the 
spectra versus    
no-muons

R. Bollig (PhD thesis, TUM 2018) 

11.1 Steady-state accretion 11 1D SIMULATIONS
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Figure 11.20: On the left, the evolution of the comoving luminosity measured at the gain radius
for cases s20.0-SFHo-standard in black and s20.0-SFHo-muons in red; on the right, the di↵erence
of both luminosities defined as �L⌫ = L

muons
⌫ � L

standard
⌫ .

case is reduced compared to the standard case, according to Fig. 11.11, this means the muonic
case has an increased neutrino flux density at the PNS surface.

Having analyzed all quantities that enter the integrated gain layer heating rate individually,
we can now look at the combined result. In Fig. 11.22 it is evident that the muonic case and
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Figure 11.21: On the left, the evolution of the comoving number luminosity measured at the
gain radius for cases s20.0-SFHo-standard in black and s20.0-SFHo-muons in red; on the right,
the di↵erence of both number luminosities defined as �L⌫ = Lmuons
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11 1D SIMULATIONS 11.1 Steady-state accretion

compares well to the ⌫e spectrum after tpb = 0.3 s, indicating that the ⌫e spectral shape has
become nearly perfectly thermal. Before this, it shows strong pinching due to absorption onto
nuclei and free nucleons.
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Figure 11.19: On the left, the evolution of the root mean square comoving energy of the local

neutrino energy density at the gain radius defined as
q

hE2iE =
qR

dE E
2
J (E) /

R
dE J(E)

for cases s20.0-SFHo-standard in black and s20.0-SFHo-muons in red; on the right, the di↵erence

of both RMS energies defined as �
q

hE2iE =
q

hE2imuons
E,gain �

q
hE2istandard

E,gain . A thermal RMS

energy computed from the neutrinosphere temperature of Fig. 11.14, according to
q

hE2iT ⇡
4.5622T⌫ , is plotted as dotted lines on the left panel.

The comoving luminosity of electron neutrinos as measured at the gain radius is the other
necessary quantity in Eq. 11.10 to determine the neutrino heating inside the gain layer and is
calculated via
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In Fig. 11.20 we can see that the luminosity of ⌫e are quite enhanced by about �L⌫e ⇡ 2 – 3 B/s
compared to the standard case, while the ⌫e luminosity remains nearly unchanged and only
increases by up to �L⌫e ⇡ 1 – 2MeV. Interestingly both L⌫e , as well as L⌫e , are almost identical
after tpb = 0.25 s.

As we see an increased mean energy of both ⌫e, as well as ⌫e, this must mean that the number
flux has evolved di↵erently, with
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In Fig. 11.21 we can see that the ⌫e number flux is nearly unchanged. In combination with
the increased mean energy, this explains the heightened ⌫e luminosity. The ⌫e number flux,
however, is reduced, which seems to compensate for the increased mean energy and reproduces
the standard case ⌫e luminosity. We need to remember however that the luminosity is also a
function of the surface of the radiating sphere, where L⌫ / T

4
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2
PNS if the emission approaches

the Stefan-Boltzmann law of a black-body radiating sphere. As the PNS radius in the muonic
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compares well to the ⌫e spectrum after tpb = 0.3 s, indicating that the ⌫e spectral shape has
become nearly perfectly thermal. Before this, it shows strong pinching due to absorption onto
nuclei and free nucleons.
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Figure 11.19: On the left, the evolution of the root mean square comoving energy of the local

neutrino energy density at the gain radius defined as
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after tpb = 0.25 s.

As we see an increased mean energy of both ⌫e, as well as ⌫e, this must mean that the number
flux has evolved di↵erently, with

L⌫

⇣
rgain

⌘
= 4⇡r2

Z 1

0
dE 4⇡H (E) . (11.20)

In Fig. 11.21 we can see that the ⌫e number flux is nearly unchanged. In combination with
the increased mean energy, this explains the heightened ⌫e luminosity. The ⌫e number flux,
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Complete multi-messenger theory of CCSNe will enable 
astrophysical neutrino science
For true multi-messenger astronomy, we must build a continuous chain 
of core-collapse supernova/remnant simulations linking the earliest 
moments of the explosion, when the neutrino & gravitational wave 
signals originate, to the epochs when the photon signals arise.
• Examine late stellar evolution in multi-dimensions
• Model CCSN mechanism with 3D spectral neutrino radiation 

hydrodynamics and detailed nucleosynthesis until the explosion 
matures and the nucleosynthesis finishes

• Model progress of the shock and heavy element ejecta through 
the star

• Model shock breakout and the light curve phase with (3D?)  
photon radiation hydrodynamics, etc

• Model nebular phase with full chemistry, etc.
• Model supernova remnant phase including cosmic ray generation, 

etc.
…and connect to NS cooling calculations!



2929 B. Messer - Astrophysical neutrinos and the origin of the elements, INT – July, 2023

Takeaways redux
• Core-collapse supernova models in 3D with sophisticated nRHD explode consistently, 

reasonably, and in various ways. The next frontier is establishing a quantitative 
understanding of all multi-messenger observables over much longer timescales. 

• Our current understanding of neutrino emission (and, maybe, nucleosynthesis)  over the 
first few seconds of CCSNe explosions is qualitatively OK if you ignore some known 
physics (e.g., collective flavor oscillations). 
– Prediction is, of course, dependent on understanding this physics, but will also require an in situ 

treatment in RHD simulations. 

• But, the details of this emission is tightly coupled to explosion dynamics, 
depending strongly on progenitor structure in a variety of ways.

• Aside from neutrino flavor oscillation physics-–a frontier that will require considerably 
more computational intensity than we have brought to bear to this point—there are 
other pieces of physics that require more-or-less immediate attention
– Including heavy lepton degrees of freedom “everywhere” (every-how) in simulations
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Questions?


