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Measurements of M, R, Λ give us P(ρ); but we don’t know 
what is providing the pressure.  Cooling neutron stars 
provide information on transport, namely 

Speci!c heat—are the nucleons paired? 

Neutrino emissivity—can rapid cooling proceed?

 ρ

Figure 7

(Left) A large sample of proposed equations of state calculated under different physical assumptions and
using a range of computational approaches. See the text for the descriptions of the equations of state, the
acronyms, and the references. (Right) The mass-radius curves corresponding to the equations of state
shown in the left panel.

this figure. Also note that the astrophysically relevant parts of these curves lie above ∼ 1 M!. An

important characteristic of many of these curves is that the radius remains nearly constant for the

astrophysically relevant range of masses. The notable exceptions are the self-bound strange stars
(e.g., SQM), where the radius increases with increasing mass, and stars with condensates (e.g., GS1-

2, GM, PS) where the radius decreases with mass past the point where the central density reaches

the critical one where the phase transition occurs. The mass-radius curves are also characterized
by a maximum mass beyond which there are no stable solutions. In general, equations of state

with relatively higher pressures at densities above ∼ 4 ρsat have higher maximum masses. The
presence of non-nucleonic phases, such as hyperons or condensates, reduces the pressure (referred

to as softening the equation of state) lead to smaller maximum masses.

In the remainder of this section, we will discuss how neutron star masses and radii can be used
to pin down the ultradense matter equation of state, the methodologies developed towards this

goal, and the current state of the measurements. However, we first briefly describe the constraints

on the nuclear EoS at nuclear density from low energy experiments.

4.2. Constraints on the EoS from Low Energy Experiments

For symmetric matter (i.e., nuclei containing roughly equal number of neutrons and protons) near

the nuclear saturation density, there is a range of experimental constraints. Most robustly, two-body

potentials can be inferred from nucleon-nucleon scattering data below 350 MeV and the properties
of light nuclei (Akmal, Pandharipande & Ravenhall 1998; Morales, Pandharipande & Ravenhall

2002).
The other significant constraints that arise from these experiments and are relevant for the

neutron-star equation of state are often expressed in terms of the symmetry energy parameters:

Sv and L (see eq’ns 18 and 19 in the previous section as well as the discussion in Lattimer 2012).
The experiments that yield the most accurate data and the least model-dependent results involve
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The reactions n → peν̄e and inverse (direct Urca)
are blocked (conservation of momentum, energy) unless
np/n ! 0.11; or other degrees of freedom (e.g., hyperons)
are present.
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Fig. 9.— Comparison of predictions of the minimal cooling scenario with data; all models are for 1.4 M! stars built using the EOS of
APR (Akmal, Pandharipande & Ravenhall 1998). In the right panels the suppression of the vector channel in the Cooper-pair neutrino
emission is fully taken into account whereas, for comparison, in the left panels the supression has been omitted. In each row, the two panels
have the same neutron 3P2 gap, from a vanishing gap in the upper row to our model gaps ”a” and ”b” (following the notations of Figure
10 in Paper I) in the next two rows. In each panel two sets of cooling trajectories, either with light or with heavy element envelopes, are
shown which include 25 curves corresponding to 5 choices of the neutron 1S0 and of the proton 1S0 gaps covering the range of predictions
about the sizes of these gaps.

equation 13), as in our models “b” and “c”. In the extreme case that the neutron 3P2 gap is vanishingly small and also
that all observed young cooling neutron stars have light element envelopes, then nearly all of them, with the possible
exception of PSR B0538+2817, are observed to be too cold to be compatible with minimal cooling predictions. In
the less extreme possibility of a heterogeneity in chemical composition and a vanishingly small neutron 3P2 gap, we
still find that more than half (seven out of twelve) of the observed young cooling neutron stars are too cold to be
compatible with minimal cooling. (Notice that among the remaining five, out of twelve stars, the compact objects in
Cas A and the Crab still have only upper limits.) If these conditions on the Tc curve are not satisfied for a particular
model of superfluidity in dense matter, then that model also requires enhanced cooling beyond the minimal cooling
paradigm. These results highlight the importance of the n 3P2 gap in more precise terms than discussed in Paper I.

Our conclusion regarding the need for heterogenity in the chemical composition of the atmosphere is consistent with
the results of Kaminker, et al. (2006), who had to employ both light and heavy element atmospheres in their cooling
models to match the data of most stars.

That it is apparently possible to explain the majority of thermally-emitting neutron stars with the minimal cooling

Page, Lattimer, Prakash, & Steiner 2009

Cooling isolated neutron stars 
see reviews by Yakovlev & Pethick, Page et al.
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C(T̃)
dT̃
dt

= −Lν(T̃)− Lγ(T̃)

10+ years: star thermally relaxes, 
interior is mostly isothermal 

Cooling via neutrinos from core, 
photons from surface
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The neutron star envelope | F = const.

process, a sequence of rapid proton captures onto seeds
provided by the 4He burning (Wallace & Woosley 1981;
Van Wormer et al. 1994; Schatz et al. 1998). Reaction
network calculations, both for single-zone calculations of
unstable burning (Koike et al. 1999; Schatz et al. 2001)
and for steady burning (Schatz et al. 1999), find that all
of the hydrogen is consumed and that the reactive flow
reaches nuclei much heavier than 56Fe. In a recent calcu-
lation, Schatz et al. (2001) determined that the rp-process
ends in a closed SnSbTe cycle; the resultant ash composi-
tion has a mean nuclear charge hZi ¼ 37 and a mean
nuclear mass hAi ¼ 79. Following the burst, the proton-
rich elements quickly !-decay to more stable species such
as 104Ru.

The ratio of H to 4He is not well determined. When
the temperature in the crust exceeds roughly 108 K, the
H in the outer envelope is consumed on a timescale of
"6# 104 s ðXCNO=0:02Þ by the hot CNO cycle, XCNO

being the mass fraction of CNO nuclei. Hydrogen is also
consumed (in a thermally stable fashion) when the accre-
tion rate exceeds about 2# 10&10 M' yr&1. During the
outburst decay, a significant fraction of the accumulated
H can be converted stably to 4He, even after the last type
I X-ray burst has occurred. We include this possibility in
our calculations (x 4). We note, however, that the photo-
sphere would still tend to be pure H, as Teff is too cold
for the H to be consumed on a timescale over which dif-
ferential sedimentation removes CNO nuclei from the
photosphere ((10 s; Bildsten, Salpeter, & Wasserman
1992). As a result, spectral fitting of the quiescent flux
will find that the ratio of radius to distance remains con-
stant even if Teff varies. Changes in the photospheric
abundances, as implied by, e.g., spectral features, more
likely indicate quiescent accretion.

3. EQUATION OF STATE, SEDIMENTATION, AND
THERMAL TRANSPORT

The microphysics of the envelope enters equation (1)
explicitly through the opacity " and implicitly through
#ðy ¼ p=g;TÞ. Before discussing the thermal transport
and its effect on the thermal structure of the envelope, we
first review the different physical regimes of the neutron
star’s envelope, the equation of state, and the validity of
treating the envelope as being composed of distinct
layers. Figure 1 shows different regimes of the #-T plane
for an envelope composed of a pure H layer, of column
depth y ¼ 108 g cm&2, superincumbent on a 104Ru layer.
The top panel illustrates conditions in the H layer; the
bottom panel does likewise for the 104Ru layer. In both
panels, the circles denote the thermal structure found by
solving equation (1) for Teff ¼ 2:1# 106 K (as inferred
for Aql X-1; top curve) and Teff ¼ 8:8# 105 K (as
inferred for Cen X-4; bottom curve). We discuss the cal-
culations for these sources in x 5.

3.1. Equation of State

The envelope of a neutron star is composed of electrons
and ions. Electrostatic interactions between electrons are
negligible throughout most of the envelope for the tempera-
tures of interest (see Chabrier & Potekhin 1998), and the
electrons are an ideal degenerate Fermi gas for
 ¼ le=kBT41. Here le is the electron chemical potential,

not including the rest mass. For  41, le " ð"F &mec2Þ,
where "F ¼ ðm2

ec4 þ p2Fc
2Þ1=2 is the electronic Fermi energy

and pF ¼ ð3$2neÞ1=3!h is the Fermi momentum. We write the
electron density ne * Ye#=mu, wheremu is the mean nucleon
mass, and delimit on Figure 1 where the electrons are degen-
erate with the condition  ¼ 10 (dashed line). The electrons
are relativistic where pF=mec " ½Ye#=ð106 g cm&3Þ,1=3 > 1.

Where the envelope is composed of rp-process ashes, the
total number of species (each of density nj) is likely quite
large. Electrostatic correlations between ions are parameter-
ized by

"j ¼
Z2

j e
2

ajkBT

" Z5=3
j

Ye#

108 g cm&3

! "1=3 108 K

T

! "
; ð3Þ

aj ¼ ð3Zj=4$neÞ1=3 being the ion sphere radius for species j.
For " > "M , the plasma is a solid; "M is computed by
equating the free energies of the liquid and solid phases
(Fig. 1, solid line). We compute the ionic free energy for the
liquid phase, 1 - " < "M , from the fit of Chabrier & Pote-
khin (1998) and for the solid phase from the fit of Farouki &
Hamaguchi (1993). In a recent calculation, Potekhin &
Chabrier (2000) determined that "M ¼ 175:0. 0:4, with a
further relative uncertainty of (10% arising from electron
screening. The calculations in this paper are insensitive, for-
tunately, to the precise value of "M .

Fig. 1.—Schematic of different physical regimes for a quiescent neutron
star envelope. We show the conditions " ¼ 1 and " ¼ "M (solid lines),
% ¼ 1 (dotted lines), and  ¼ 10 (dashed lines), for both H (top panel) and
104Ru (bottom panel). Circles denote the envelope structure for a two-layer
(H over 104Ru) envelope at Teff ¼ 2:1# 106 K (top curve) and
Teff ¼ 8:8# 105 K (bottom curve), as appropriate for Aql X-1 and Cen X-4,
respectively (see text).
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Envelope thermally relaxes in hours; "ux is constant

Flux carried by rad’n where electrons are non-
degenerate; when electrons become degenerate, 
they carry heat, conductivity set by electron-ion 
scattering (Gudmundson et al. 1983; Potekhin et 
al. 1997).



Envelope sets mapping between surface and interior 
temperatures
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Accreting neutron stars
Bright when accreting 

Di#erent population than merging neutron 
stars: potentially wider mass range 

Sample range of heating rates, interior 
temperatures 

Non-symmetric: good for mountain-building 

Diverse nuclear-powered phenomena probe 
ambient conditions over a wide range of 
densities throughout crust

T. Piro, Carnegie Obs.



The neutron star crust
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Nuclear-powered variability | X-ray bursts
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Nuclear-powered variability | Superbursts
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Heating in the deep crust
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the nuclear physics inputs used here, and thus it does not affect
nuclear energy generation.

At μe=23.3MeV and S � q �2.9 10 g cm11 3, the destruc-
tion of 56Ca by electron capture occurs. However, this step
proceeds entirely differently owing to the rising significance of
free neutrons (see Figure 3). These neutrons are released in the
second step of the two-step electron capture sequence, which
proceeds as 56Ca(EC)56K(EC, 2n)54Ar. The neutron separation
energy of 56Ar is sufficiently low for most of the EC transitions
from 56K to proceed to neutron-unbound states, leading to the
emission of neutrons. The released neutrons are recaptured by
the most abundant nucleus, which is still 56Ca, leading to a
neutron capture sequence to 58Ca. The reaction path therefore
splits into two branches leading to 54Ar and 58Ca, respectively.
However, branchings between electron capture and neutron
capture at 57Ca and 56K divert some of the reaction flow to
56Ar via 57Ca(EC)57K(EC, n)56Ar and 56K(n, γ)57K(EC,
n)56Ar, respectively. The result is a three-nuclide composition,
dominated by 56Ar, but with admixtures of 58Ca and 54Ar at
about 0.2% mass fraction each.

This admixture is, however, short-lived, as at N �e
25.9 MeV and S � q �4.2 10 g cm11 3, 58Ca and 54Ar are
converted into 56Ar (Figure 4). The destruction of
58Ca proceeds via 58Ca(EC, 1n)57K(EC, 1n, 2n, 3n), resulting
in a range of Ar isotopes, which, together with the already-
existing 54Ar, are quickly transformed into 56Ar by neutron
capture. At this point, the crust is rather pure and mainly
composed of 56Ar.

At μe=31.6 MeV and S � q �7.8 10 g cm11 3, 56Ar is
destroyed by the first previously defined SEC (Gupta
et al. 2008; see also Figure 5). This reaction sequence occurs

when the neutron emission following an electron capture leads
to a nucleus with N�∣ ∣Q eEC , which therefore immediately
captures electrons again, and so on. In this particular case, an
SEC leading from 56Ar all the way to 40Mg is established. The
detailed reaction sequence is shown in Figure 5 and is
characterized by electron captures with the emission of mostly
four to five neutrons. The released neutrons are recaptured
by 56Ar, which is still the most abundant nuclide. This leads
again to a split of the reaction path into the SEC from 56Ar to
40Mg and a sequence of neutron captures from 56Ar to 62Ar. In
the initial phase of the SEC, there is a significant abundance
buildup of 50S produced by neutron capture from the SEC path,
and to a lesser extent of 42Si. However, with only a slight rise
of μe, electron capture quickly destroys these isotopes, and they
are converted into 40Mg as well. The end result is a layer that
consists primarily of 62Ar (80% mass fraction) and 40Mg (20%
mass fraction). There is a small admixture of 59Cl (10−5 mass
fraction). The free neutron abundance is significantly increased
to 4.8×10−5.

Figure 3. Integrated reaction flows on the chart of nuclides for the initial
electron capture sequence on 56Fe down to a depth where S � q3.5

�10 g cm11 3 ( � q �y 3.6 10 g cm15 2). Rows are labeled on the left with charge
number Z, columns at the bottom with neutron number N. The isotope colors
indicate final abundances Y in mol g−1 at the end of the integration time period
(see legend). Abundances � �Ylog 4 are colored red; abundances � �Ylog 7
are uncolored. The thick black squares mark stable nuclei, the gray squares
neutron-unbound nuclei included in the network, and the medium thick vertical
lines the magic neutron numbers. Shown are flows that lead to lower Z or higher N
(red lines) and flows that lead to higher Z and lower N (blue lines). Thick lines
indicate flows above 10−6mol g−1, thin lines flows between 10−8mol g−1 and
10−6mol g−1. The reaction path splits, leading to a multicomponent layer.

Figure 4. Integrated reaction flows for initial 56Fe ashes from S � q3.6
�10 g cm11 3 ( � q �y 3.7 10 g cm15 2) to S � q �4.6 10 g cm11 3 ( � qy 5.0
�10 g cm15 2). See Figure 3 for details.

Figure 5. Integrated reaction flows for initial 56Fe ashes from S � q7.0
�10 g cm11 3 ( � q �y 9.0 10 g cm15 2) to S � q �9.4 10 g cm11 3 ( � qy 1.2
�10 g cm16 2). See Figure 3 for details.

5

The Astrophysical Journal, 859:62 (22pp), 2018 May 20 Lau et al.the other hand, the calculations with realistic burst ashes and a
full reaction network show remarkable similarity, despite the
significant variations in initial compositions. Differences in the
thermal structure for different realistic burst ashes will therefore
predominantly arise from differences in Urca cooling, not from
differences in heating.

The much shallower onset of fusion reactions in the models
with realistic ashes, around S � � q �( )1.2 7.7 10 g cm11 3,
compared to S � q �1.1 10 g cm12 3 for pure 56Fe ashes,
contributes to an increased heat deposition at shallower depths.
This is due to two effects. First, lighter nuclei in the initial
composition tend to be converted more rapidly into the low-Z
species that can undergo fusion reactions. Second, the SEC
effect creates lighter nuclei earlier. Horowitz et al. (2008)
pointed out the potential importance of fusion of lighter nuclei
at shallower depths. Indeed, such reactions can deposit of
the order of ò=0.7–0.9 �MeV u 1 of heat (Horowitz et al.
2008), provided that they would make up 100% of the
composition. However, the mass fraction X of A�28 nuclei
in the initial composition is only 0.7%, 5%, and 1% for
superburst, KEPLER, and extreme burst ashes, respectively.
The associated heating òX is therefore rather small,
0.005–0.05 �MeV u 1, and comparable to electron capture
heating in the more abundant mass chains.

Despite these differences in the distribution of heat deposition,
the total heat deposited is remarkably similar for all our models,
at least down to a depth where S � q �1.6 10 g cm12 3. At that
depth, total heat deposition is �1.1 MeV u 1, �0.96 MeV u 1,

�0.88 MeV u 1, �1.2 MeV u 1, and �0.9 MeV u 1 for HZ08, pure
Fe ashes, extreme burst ashes, KEPLER burst ashes, and
superburst ashes, respectively. Note however, that the latter three
cases are lower limits, as some heat may be released in regions
with net cooling. Our results confirm with a full reaction network
the robustness of heating (but not Urca cooling) with to initial
composition found in previous work using simplified approaches
(Haensel & Zdunik 2008) or reaction networks without pycno-
nuclear fusion (Gupta et al. 2008).

4.3. Impurity

We are now in the position to predict the impurity parameter
� � � � § �( )Q Y Z Z Yi i i i iimp

2 with average charge number � §Z
and abundances Yi (excluding neutrons) as a function of depth.
Qimp is important as it determines the thermal conductivity of
the crust due to electron impurity scattering. Figure 24 shows
impurity parameters for the various initial compositions as a
function of density. The extreme X-ray burst ashes exhibit the
broadest range of isotopes and has the largest Qimp≈80. The
rp-process in the more typical KEPLER burst produces much
fewer Z=30–46 nuclei, resulting in a lower initial Qimp≈40.
Superbursts drive the composition into nuclear statistical
equilibrium, resulting in much less diverse ashes with a
much smaller initial Qimp≈4. Down to a depth where
S � q �1 10 g cm10 3, Qimp stays rather constant. At greater
depth it begins to decrease substantially because heavier nuclei
tend to electron capture more, reducing their Z faster, and
because the early release of neutrons starts to eliminate
abundance in some mass chains. At S � q �1 10 g cm11 3,
the extreme burst ashes case shows a drastic reduction in Qimp,
bringing it in line with the KEPLER ashes. This is due to the
pycnonuclear fusion of oxygen produced via electron capture
from the relatively large initial 20Ne abundance. In addition,
compared to the KEPLER ashes, the extreme burst ashes have

relatively smaller initial abundances of 24Mg and 28Si, causing
a much larger impact on Qimp once lighter nuclei from the
abundance 20Ne start fusing. Between S � q �2 10 g cm11 3

and S � q �7 10 g cm11 3, light-element fusion and SEC
chains lead to a steady reduction in Qimp for all cases.
Interestingly, all initial compositions converge to a

comparable Qimp=7–11 between S � q �8 10 g cm11 3 and
S � q �1.3 10 g cm12 3 owing to shell effects that lock
abundance in different locations. This includes even the pure
56Fe ashes case, which turns into a multicomponent composi-
tion beyond neutron drip owing to the splitting of the reaction
path discussed in Section 3.1. However, beyond S � q1.5

�10 g cm12 3 material trapped at the N=50 spherical shell
closure is destroyed, all compositions but the extreme burst
ashes converge to a single nucleus, and Qimp drops to less than
1. This is in line with previous predictions (Jones 2005; Gupta
et al. 2008; Steiner 2012) that Qimp is reduced to a value near 1
when transitioning from the outer to the inner crust, though we
find that the transition is gradual and exhibits some variations.
The exception is the extreme burst ashes case, the only case
where material is also locked in at the N=82 spherical shell
closure owing to the heavy A�106 nuclei contained in the
ashes. In this case, the conversion of N=50 nuclei into lighter
species, together with the unchanged heavy N=82 nuclei,
leads to the opposite behavior, an increase of Qimp in the inner
crust to values of around 20.
Our theoretical predictions of Qimp can be compared with

constraints extracted from observed cooling curves of transi-
ently accreting neutron stars using crust cooling models. For
KS 1731-260, the most recent analysis by Merritt et al. (2016)
obtains � �

�Q 4.4imp 0.5
2.2, in agreement with earlier results from

Brown & Cumming (2009) (<4). For MXB 1659-29, Turlione
et al. (2015) find Qimp=3.3–4, in agreement with earlier
results from Brown & Cumming (2009). These results are also
in line with work by Page & Reddy (2013), who use models
with different Qimp values for the outer and the inner crust and
find Qimp=5 and 3 for KS 1731-260, Qimp=10 and 3 for
MXB 1659-29, and Qimp=20 and 4 for XTE J1701-462 for
the outer and inner crust, respectively. A significantly higher
Qimp=40 has been found in an analysis of EXO 0748-676
(Degenaar et al. 2014). Turlione et al. (2015) obtain a good fit

Figure 24. Impurity parameter Qimp as a function of mass density for pure 56Fe
ashes (solid blue), extreme burst ashes (solid red), KEPLER burst ashes
(dashed red), and superburst ashes (dashed orange).
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in the burst ashes can exceed 10%, depending on the value of
the uncertain 15O(α, γ) reaction rate.

The amount of A�102 nuclei produced in X-ray bursts is
still an open question. Schatz et al. (2001) used a one-zone
model with ignition conditions assuming low accreted
metallicity (Z=10−3) and a relatively high accretion rate
( �˙ ˙m m0.3 Edd with Eddington accretion rate � qṁ 8.8Edd
104 g cm−2 s−1) to explore the maximum possible extent of an
rp-process. They indeed find significant production of A�102
nuclei in bursts that exhibit long ≈200s tails. Woosley et al.
(2004) confirmed this result with a multizone X-ray burst
model. Their model zM assumes similar system parameters,
and their first burst indeed produces more than 30% mass
fraction of A=104 with a light curve extending about
200–250 s before cooling exponentially. However, they also
find that subsequent bursts are influenced by the ashes from
previous bursts, resulting in a more moderate rp-process that
produces only negligible amounts of A�102 material and a
more rapidly cooling light curve. In contrast, José et al. (2010)
use a different model but similar system parameters and find
that while bursts after the first burst become somewhat shorter,
lasting about 200 s, they still do produce large amounts (>10%
mass fraction) of A�102 material.

Another important question is whether the shell effects for
nuclei near the neutron drip line predicted by the FRDM exist.
In particular, the production of N=82 nuclei is strongly
facilitated by the interplay of predicted masses and spherical-
shell-closure-induced shape changes of neutron-rich nuclei
around Z=38 and N=70–82. An increase in Sn with
increasing neutron number in this mass region leads to a jump
of the (n, γ)–(γ, n) equilibrium nucleus to N=82. This is the
same effect that leads to an underproduction of nuclei below
A=130 in the rapid neutron capture process (Kratz
et al. 1993).

It has been pointed out that calculations based on some self-
consistent Hartree–Fock Bogolubov and relativistic mean field
models predict a weakening of the spherical shell gaps far from
stability (see, e.g., Sorlin & Porquet 2008; Afanasjev et al.
2015; Chen et al. 1995, in the context of the r-process).
Experimental evidence indeed indicates that the N=28
spherical shell closure disappears with decreasing Z because
strong deformation sets in already at sulfur (Z= 16) and silicon
(Z= 14) isotopes (Glasmacher et al. 1997; Bastin et al. 2007;
Meisel et al. 2015a). 40Mg, which plays a critical role in our
model, has been discovered experimentally (Baumann
et al. 2007). First nuclear structure studies confirm the presence
of deformation (Crawford et al. 2014). However, this does not
necessarily mean that shell effects as defined in this work do
not occur. Indeed, the FRDM mass model predicts strong
deformation of 40Mg in agreement with experiments, but it also
predicts increased binding because of a large deformed N=28
single-particle energy level gap for the predicted oblate
deformation. Mass measurements of 40,41,42Mg that will
become possible at future rare isotope facilities will be needed
to confirm the predicted trends in neutron separation energy.

For the relevant N=50 and N=82 nuclei 70Ca (N= 50)
and 116Se (N= 82) the FRDM predicts spherical shell closures.
However, these nuclei are currently out of experimental reach,
and neither has been observed in laboratory experiments. The
most proton-deficient N=50 nucleus studied so far is 78Ni.
Measurements of β-decay half-lives of 78Ni and nearby
isotopes indicate strong spherical shell closures at Z=28

and N=50 (Xu et al. 2014). For N=82, recent studies of
128Pd indicate a robust spherical shell closure for Z=46
(Watanabe et al. 2013). This is in contrast to earlier work
that provided evidence for a weakening of the spherical shell
gap already at 130Cd (Dillmann et al. 2003). Shell model
calculations (Taprogge et al. 2014) and covariant density
functional theory (Afanasjev et al. 2015) predict a gradual
weakening of the N=82 spherical shell gap toward Z=40,
though the gap is predicted to remain significant. This remains
to be confirmed experimentally.

4.2. Heating and Cooling

Heating and cooling by nuclear reactions in the crust link the
nuclear processes identified in this work with observables.
Figure 14 shows that the considerably different nuclear
processes obtained with a full reaction network and a realistic
initial multicomponent composition lead to differences in the
heating and cooling of the neutron star crust compared to
simplified single-component equilibrium calculations (Haensel
& Zdunik 2008). In particular, for all types of realistic burst
ashes, Urca cooling is significant at the 0.5GK temperature
investigated here and would likely lead to a cooler crust in a
self-consistent model. As expected, the location and strength of
Urca cooling depend sensitively on the initial composition.
There are also significant differences in heating between the

models. This is shown in Figure 23, where we only integrate
over segments of positive slope in Figure 14. This provides a
lower limit of the heating, as we neglect any heating during a
cooling episode. On one hand, all our calculations with a full
reaction network show significantly more heating at shallower
depths than the Haensel & Zdunik (2008, hereafter HZ08)
estimate. At around S � q �1.3 10 g cm12 3, the integrated
difference has accumulated to about �0.5 MeV u 1 (though this
is a lower limit). This is in part due to our inclusion of
transitions into excited states in the first step of the two-step
electron capture sequences in even-A chains. These transitions
not only reduce neutrino emission (as considered in HZ08) but
also increase the electron capture energy thresholds and thus
the total energy release in the sequence (Gupta et al. 2007). On

Figure 23. Integrated nuclear energy release during episodes with heat
deposition as a function of mass density for pure 56Fe ashes (solid blue),
extreme burst ashes (solid red), KEPLER burst ashes (dashed red), and
superburst ashes (solid orange). Any heating during cooling episodes is not
included. The nuclear energy release obtained by Haensel & Zdunik (2008) for
pure 56Fe ashes is shown for comparison (dashed blue).

17

The Astrophysical Journal, 859:62 (22pp), 2018 May 20 Lau et al.

Lau et al. 2018

Z

N
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Quasi-persistent transients: long outburst and 
quiescent durations

fig. from Cackett et al. ‘06

2001: quasi-persistent 
transients discovered 
(Wijnands, using the Rossi X-
ray Timing Explorer) 

2002: Rutledge et al. suggest 
looking for crust thermal 
relaxation 

2002–: cooling detected! 
(many: Wijnands, Cackett, 
Degenaar, Fridriksson, Homan, 
Ootes, Parikh)
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TABLE 7
FITS TO COOLING CURVES WITH AN EXPONENTIAL DECAY TO A CONSTANTa

Source τ (days) A (eV) B (eV) Data References
MAXI J0556–332 161±5 151±2 184.5±1.5 this work (model I)

197±10 137±2 174±2 this work (model II)
IGR J17480–2446 157±62 21.6±4 84.3±1.4 Degenaar et al. (2013)
EXO 0748–676 172±52 18±3 114.4±1.2 Degenaar et al. (2014)
XTE J1701–462 230±46 35.8±1.4 121.9±1.5 Fridriksson et al. (2011)
KS 1731–260 418±70 39.8±2.3 67.7±1.3 Cackett et al. (2010a)
MXB 1659–29 465±25 73±2 54±2 Cackett et al. (2008)

a kT∞eff(t) = A×e−t/τ +B, where t is time since the end of the outburst in days.

below our estimated distance range (e.g., 20 kpc) we find
temperatures (134–218 eV for model I and 131–195 eV for
model II) that are substantially higher than those observed in
XTE J1701–462 during its first∼500 days (125–163 eV). The
short cooling timescale observed inMAXI J0556–332 implies
a high thermal conductivity of the crust, similar to the other
cooling neutron stars that have been studied.
Given the similarities between the outbursts of MAXI

J0556–332 and XTE J1701–462, it is interesting to compare
these two systems in more detail, as it may help us under-
stand what causes the neutron-star crust in MAXI J0556–332
to be so hot. MAXI J0556–332 was in outburst for ∼480
days with a time-averaged luminosity of ∼1.7×1038(d45)2
erg s−1, while XTE J1701–462 was in outburst for∼585 days
with a time-averaged luminosity ∼2.0×1038(d8.8)2 erg s−1
(Fridriksson et al. 2010). The total radiated energies of the
MAXI J0556–332 and XTE J1701–462 outbursts are there-
fore 7.1×1045(d45)2 erg and 1.0×1046(d8.8)2 erg, respec-
tively. Despite the fact that the radiated energies and time-
averaged luminosities of the two systems are comparable, the
initial luminosity of the thermal component (which reflects
the temperature at shallow depths in the crust at the end of the
outburst) is an order of magnitude higher in MAXI J0556–
332 than in XTE J1701–462. This suggests the presence of
additional shallow heat sources in the crust of MAXI J0556–
332 and/or that the shallow heat sources in MAXI J0556–332
were more efficient per accreted nucleon.
The high observed temperatures are difficult to explain with

current crustal heating models. Bringing the initial tempera-
tures down to those seen in XTE J1701–462 requires a dis-
tance of ∼10–15 kpc (depending on the assumed model).
Such distances are problematic for several reasons. First it
implies that Z source behavior in MAXI J0556–332 is ob-
served at much lower luminosities (by factors of 9 or more)
than in other Z sources. Second, fits to the quiescent spec-
tra with such a small distance are of poor quality. Finally, a
smaller distance does not solve the fact that crustal heating ap-
pears to have been much more efficient per accreted nucleon
than in other sources. A reduction in distance by a factor of 3
results in a reduction in luminosity and presumably then, by
extension, the total mass accreted onto the neutron star and
total heat injected into the crust by a factor of 9. Given that
we inferred ∼30% less mass accreted onto the neutron star in
MAXI J0556–332 during its outburst than in XTE J1701–462
for our preferred distance of ∼45 kpc, this would mean ∼13
times less mass accreted onto MAXI J0556–332 than XTE
J1701–462 yet similar initial temperatures.
The nsamodel that we used to fit the thermal emission from

the neutron star in MAXI J0556–332 did not allow us to ex-
plore values of the neutron-star parameters other than Mns =
1.4M$ and Rns = 10 km, as these parameters are advised to
remain fixed at those values (Zavlin et al. 1996). While other
neutron-star atmosphere models allow for changes inMns and
Rns, none of the available models are able to handle the high
temperatures observed during the first ∼200 days of quies-
cence. It is, of course, possible that the properties of the
neutron star in MAXI J0556–332 are significantly different
from those in the other cooling neutron-star transients that
have been studied. Lower temperatures would be measured
if one assumed a lower Mns and/or a larger Rns. To estimate
the effects of changes in neutron-star parameters we used the
nsatmosmodel to fit the spectrum of observation 11, initially
assuming Mns = 1.4M$ and Rns =10 km. While keeping the
distance from this fit fixed, and changing Mns to 1.2M$ and
Rns to 13 km (values that are still reasonable), the measured
temperature was reduced by only ∼10%. Such changes are
not large enough to reconcile the temperatures measured in
MAXI J0556–332 with those of the other sources.
An alternative explanation for the high inferred tempera-

tures could be that part of the quiescent thermal emission is
caused by low-level accretion. Indications for low-level ac-

FIG. 5.— Evolution of the effective temperature of the quiescent neutron
star in MAXI J0556–332, based on fits with model II (purple stars). Temper-
ature data for five other sources are shown as well. The solid lines represent
the best fits to the data with an exponential decay to a constant. See Table 7
for fit parameters and data references.

from Homan et al. (2014)

2001: quasi-persistent 
transients discovered 
(Wijnands, using the Rossi X-
ray Timing Explorer) 

2002: Rutledge et al. suggest 
looking for crust thermal 
relaxation 

2002–: cooling detected! 
(many: Wijnands, Cackett, 
Degenaar, Fridriksson, Homan, 
Ootes, Parikh)



Cooling lightcurve

� (d)

T
(K

)

1 10 102 103

108

T
(K

)

108

P/g (g cm�2)

�
(d

)

1013 1014 1015 1016 1017 1018

1

10

102

103

� =
�
�

�� �
�$
,

��/�

E[

��

�$
�5
�U

= � · (,�5)

Thermal di#usion

co
re

ne
ut

ro
n 

dr
ip

Brown & Cumming 2009

dStar: open-source crust thermal evolution code



Inferring crust properties from cooling 
Ushomirsky & Rutledge, Shternin et al., Brown & Cumming, Page & Reddy, Turlione et al., Deibel et al., Merritt et al., Parikh et 
al.
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Cooling of  MXB1659-29 following outburst ending 
2017 A. S. Parikh et al.: NS crust cooling in MXB 1659�29

Fig. 1: The bolometric flux (0.01–100 keV) curves for outbursts I
and II are shown in the upper and lower panels, respectively. The
zero points correspond to MJD 51265 for outburst I and MJD
57256 for outburst II. The vertical grey dotted lines indicate the
time of the end of the respective outbursts (MJD 52162 and MJD
57809.7, respectively). For outburst I, the ASM data is shown in
blue and the PCA data near the end of the outburst (including the
upper limit indicated by the downward facing triangle) is shown
in magenta. For outburst II, the MAXI and XRT data are shown
by open and filled black circles, respectively. The vertical red ar-
rows in the lower panel indicate the times of the observations of
the source in quiescence after the end of outburst II (see Section
2.2 and Table 1, for details).

Table 5 of Plucinsky et al. (2017, CXRT = 0.872, Cpn = 0.904,
CMOS1 = 0.983, CMOS2 = 1, and CChandra = 1). No additional
non-thermal component was needed to fit the spectra. All er-
rors are stated for the 90 per cent confidence level and all the
measured e↵ective temperatures are in terms of the e↵ective sur-
face temperature that would be seen by an observer at infinity10

(kT
1
e↵ ).
The best-fit NH was NH = (3.4±0.2)⇥1021 cm�2. The NH was

fixed to this value before calculating the errors on the kT
1
e↵ to ob-

tain a more constraining result (for justification of this see, e.g.,
Wijnands et al. 2004; Homan et al. 2014; Parikh & Wijnands
2017). The results of the spectral fitting are shown in Table 1
and the kT

1
e↵ evolution of the cooling crust is shown in Figure 2

2.3. Modelling the kT
1
e↵ evolution

We model the kT
1
e↵ evolution of MXB 1659�29 after both

outbursts I and II using the crust heating and cooling code
NSCool (Page 2016). We account for the accretion rate variabil-
ity during the outbursts in our model by using the observed vari-
ability in the bolometric flux (Fbol, 0.01–100 keV; Ootes et al.
2016, our code also allows for multiple outburst to be followed
in this way; see Parikh et al. 2017a and Ootes et al. 2018 for de-
tails). To obtain this Fbol, we use the light curves (see Section
2.1, for details) from various instruments and determine appro-
priate count rate to Fbol conversion factors. For outburst I, we
use the 2–10 keV RXTE/ASM light curve and the more sensitive

10
kT
1
e↵ = kTe↵/(1 + z), where (1 + z) is the gravitational redshift factor.

For MNS = 1.6 M� and RNS = 12 km, (1 + z) = 1.29.

Fig. 2: The kT
1
e↵ evolution of MXB 1659�29 after outbursts I and

II is shown by the black and green points, respectively. We have
modelled this observed evolution with the crust heating and cool-
ing code NSCool . The modelled cooling curves after outbursts I
and II are shown in blue and red, respectively. Model A (shown
by the solid lines) indicates the fit when all the parameters were
free to vary. Model B (shown by the dotted lines) assumes that
ylight after both the outbursts is the same and, therefore, that the
crust returns to the same observed base level. It should be noted
that Models A and B have parameters that are consistent with
one another within their error bands. This is shown in Figure 3
and Table 2.

2–10 keV RXTE/PCA observations near the end of the outburst.
For outburst II, we use the 2–10 keV MAXI/GSC light curve as
well as the 0.5–10 keV Swift/XRT data.

Recently Iaria et al. (2018b) reported the Fbol of MXB
1659�29 during high- and low-flux states during outburst II.
They also showed that the source likely exhibited the same high-
flux state (observed during outburst II) during outburst I as well
(MJD 51961 and MJD 57499, respectively; see their Section
2.4). Since the source exhibits the high-flux state during most
of both the outbursts we have only used the high-flux Fbol in de-
termining our conversion factors for both outbursts I and II. The
reported unabsorbed high-flux Fbol is 2.2 ⇥ 10�9 erg cm�2 s�1.
This Fbol has been corrected for all bursts, eclipses and dipping
behaviour and is representative of the persistent emission of the
source during the high-flux state.

The count rate to Fbol conversion factor for the ASM, MAXI,
and Swift have been determined using the count rate during the
observation performed closest in time to the data from which
Iaria et al. (2018b) obtained the Fbol. We ensure that the count
rate corresponding to this observation is representative of the
persistent emission from the source (and does not experience
any bursts, eclipses, or dipping behaviour). The count rate to
Fbol conversion factors for the various instruments are: CASM
= 1.0⇥10�9 erg cm�2 counts�1, CMAXI = 2.6⇥10�8 erg cm�2

counts�1 and CSwift = 1.4⇥10�10 erg cm�2 counts�1. A similar
factor could not be determined for the PCA data near the end of
outburst I since these data were not coincident with the time of
the Fbol reported during this outburst. Instead, we used a correc-
tion factor of 2 (in’t Zand et al. 2007) to convert the 2–10 keV
flux to the Fbol. These Fbol curves are shown in Figure 1. The
upper panel shows outburst I with the 4-day binned and error fil-
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Models also give us the total energy deposited into 
the core and its temperature
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For KS 1731-260, ≈ 6 ×1043 ergs deposited into the 
core

Cumming et al. ‘17

heating at top of crust



There is su&cient heating during outburst to change 
Tcore signi!cantly
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Suppose core cools completely between outbursts 
and neutrino cooling is weak
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Minimum speci!c heat for KS 1731–260
Cumming et al. 2017



Measured temperature is incompatible with a quark 
CFL phase throughout core
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Now suppose neutrino emission is strong, so 
the core temperature saturates during outburst:
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Maximum neutrino luminosity for KS 1731–260

Cumming et al. 2017



The general case

mUrca

Tc for KS1731–260
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Phase diagram for KS 1731–260
Cumming et al. 2017



Aug. 2001

Parikh et al. 2018

MXB 1659-29: 3 outbursts since 1978 (it !nished an 
outburst mid-2017 and is in quiescence again)
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Note: here we assume 
outburst of 1999 is 
typical.

Brown et al. 2018



Phase diagram for MXB 1659-29
Lν consistent with 

direct Urca over ≈1% 
of core



In summary,

Cooling neutron star transients probe the transport properties of matter at near-
saturation density. 

Transients with long outbursts deposit enough heat in the core to potentially raise the 
core temperature. Observations following crust relaxation measure this temperature.  

   
Its neutrino luminosity is < 10-3 that of direct Urca. 

For MXB 1659, neutrino luminosity is ≈1% of direct Urca 

Further monitoring of variations in the core temperature will improve constraints on 
the core speci!c heat, super"uid gaps (cf. Mendes et al. 2021)…

'PS ,4����
 $ > � � ����5̃�

implies MMXB > MKS 

SAX J1808.4-3658 has an 
even colder core



Heinke et al. 2007, following Yakovlev et al. 2004

Lq
=

Q〈
Ṁ〉

NS luminosity LNS < 1:1 ; 1031 ergs s!1. Choosing a NS radius
of 12 km, or a mass of 2.0M", varies this constraint by only 3%.
The rather tight distance limits of Galloway & Cumming (2006;
3:5 # 0:1 kpc) produce only a 6% uncertainty. Allowing the NH

to float freely permits a thermal 0.01Y10 keV NS luminosity
LNS < 1:0 ; 1032 ergs s!1 (for NH ¼ 1:7 ; 1021 cm!2).

4. RAMIFICATIONS

We have estimated the time-averaged mass transfer rates for
1808 and several other transient LMXBs (Aql X-1, Cen X-4, 4U
1608!52, KS 1731!260, RX 1709!2639, MXB 1659!29,
XTE 2123!058, SAX 1810.8!2609, and those in Terzan 5 and
NGC 6440) from the RXTE All-Sky Monitor (ASM) record
(1996 to November 2006), under the assumption that the time-
averaged mass accretion rate over the last 10 yr reflects the time-
averaged mass transfer rate (Table 2). We use PIMMS and a
power law of photon index 2 to convert the ASM count rates dur-
ing outbursts into 0.1Y20 keV fluxes.9 This is, of course, a rough
approximation, as the spectral shapes of LMXBs in outburst
vary substantially. Additional sources of potential error include
poor ASM time coverage of some outbursts, uncertainty in the
NS mass and radius (affecting the energy released per accreted
gram and thus the conversion from LX to mass accretion rate),
variability in themass transfer rate, and uncertain distances (which
will equally affect the quiescent luminosity). We plot an arbitrary
uncertainty of 50% in both mass transfer rate and quiescent lumi-
nosity for each point in Figure 2. For Cen X-4 we use the lowest
measured quiescent luminosity and the mass transfer rate limit
inferred if CenX-4 undergoes outbursts every 40 yrwith a fluence
similar to its 1969 outburst (Chen et al. 1997). The NS component
flux for Aquila X-1 is somewhat uncertain and possibly variable
(Rutledge et al. 2002; Campana & Stella 2003). We assume
that all outbursts fromNGC 6440 since 1971 have been detected.
For KS 1731!260, we assume that the average flux seen with
RXTE/ASM during outburst was the average flux during the

entire 12.5 yr outburst. For KS 1731!260 and the transient in
Terzan 1 (for which we take a 12 yr outburst), we take a mini-
mum recurrence time of 30 yr.
For 1808 we derive a time-averaged mass transfer rate of 1:0 ;

10!11 M" yr!1, an excellent match to the prediction of general
relativity of 0:95 ; 10!11(M2/0:05 M") M" yr!1 (Bildsten &
Chakrabarty 2001).We note that the truemass transfer rate cannot

TABLE 2

Luminosities and Mass Transfer Rates

Source

NH

(1022 cm!2)

kT

(eV)

D

(kpc) Outbursts Years

Ṁ

(M" yr!1)

LNS
(ergs s!1) References

Aql X-1 ............................... 4:2 ; 1021 %94 5 8 10.7 4 ; 10!10 5:3 ; 1033 1, 2, 3, 4

Cen X-4 .............................. 5:5 ; 1020 76 1.2 . . . . . . <3:3 ; 10!11 4:8 ; 1032 5, 3

4U 1608!522 ..................... 8 ; 1021 170 3.6 4 10.7 3:6 ; 10!10 5:3 ; 1033 6, 3, 4

KS 1731!260 ..................... 1:3 ; 1022 70 7 1 30 <1:5 ; 10!9 5 ; 1032 7, 4

MXB 1659!29 ................... 2:0 ; 1021 55 %10? 2 10.7 1:7 ; 10!10 2:0 ; 1032 7, 4

EXO 1747!214.................. 4 ; 1021 <63 <11 . . . . . . <3 ; 10!11 <7 ; 1031 8

Terzan 5 .............................. 1:2 ; 1022 <131 8.7 2 10.7 3 ; 10!10 <2:1 ; 1033 9, 10, 4

NGC 6440........................... 7 ; 1021 87 8.5 3 35 1:8 ; 10!10 3:4 ; 1032 11, 4

Terzan 1 .............................. 1:4 ; 1022 74 5.2 . . . . . . <1:5 ; 10!10 <1:1 ; 1033 12

XTE 2123!058 .................. 6 ; 1020 <66 8.5 1 10.7 <2:3 ; 10!11 <1:4 ; 1032 3, 4

SAX J1810.8!2609............ 3:3 ; 1021 <72 4.9 1 10.7 <1:5 ; 10!11 <2:0 ; 1032 13, 3, 4

RX J1709!2639 ................. 4:4 ; 1021 122 8.8 2 10.7 1:8 ; 10!10 2:2 ; 1033 14, 15, 4

1H 1905+000 ...................... 1:9 ; 1021 <50 10 . . . . . . <1:1 ; 10!10 <4:8 ; 1031 16, 15

SAX J1808.4!3658............ 1:3 ; 1021 <34 3.5 5 10.7 1:0 ; 10!11 <1:1 ; 1031 17, 4, 15

Notes.—Estimates of quiescent thermal luminosities from neutron star transients, and mass transfer rates (inferred from RXTE ASM observations for systems with
RXTE-era outbursts). Quiescent thermal luminosities are computed for the unabsorbedNS component in the 0.01Y10 keVrange.Outbursts and years columns give the number
of outbursts and the time baseline used to compute Ṁ , if this calculation was performed in this work (indicated by referring to reference 4).

References.— (1) Rutledge et al. 2001b; (2) Campana & Stella 2003; (3) Tomsick et al. 2004; (4) Mass transfer rate computed in this work; (5) Rutledge et al.
2001a; (6) Rutledge et al. 1999; (7) Cackett et al. 2006a; (8) Tomsick et al. 2005; (9) Wijnands et al. 2005; (10) Heinke et al. 2006b; (11) Cackett et al. 2005; (12) Cackett
et al. 2006b; (13) Jonker et al. 2004b; (14) Jonker et al. 2004a; (15) Quiescent bolometric luminosity computed in this work; (16) Jonker et al. 2006; (17) Galloway &
Cumming 2006.

Fig. 2.—Cooling curves for various NS interior neutrino emission scenarios,
compared with measurements (or 95% confidence upper limits) of the quiescent
0.01Y10 keV NS luminosity and time-averaged mass transfer rate for several NS
transients (see Table 2). The cooling curves are taken from Yakovlev & Pethick
(2004); the dotted curve represents a low-mass NS, while the lower curves rep-
resent high-mass NSs with kaon or pion condensates or direct Urca (Durca) pro-
cessesmediated by nucleons or hyperons. Limits on the quiescent NS luminosity of
SAX J1808.4!3658 are given for the 2001 and 2006 observations. The effect of a
distance error as large as a factor of 1.5 is also indicated (upper left).

9 We have verified that this conversion is correct to within 50% for outbursts
of the transients EXO 1745!245 and Aquila X-1.
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)1/6

Tcore ≈ 2 × 108 K
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)1/8
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